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Motivation

Supermassive black holes at high z � 7

Black holes in the centers of galaxies

204 GÜLTEKIN ET AL. Vol. 698

Figure 1. M–σ relation for galaxies with dynamical measurements. The symbol indicates the method of BH mass measurement: stellar dynamical (pentagrams), gas
dynamical (circles), masers (asterisks). Arrows indicate 3σ68 upper limits to BH mass. If the 3σ68 limit is not available, we plot it at three times the 1σ68 or at 1.5 times
the 2σ68 limits. For clarity, we only plot error boxes for upper limits that are close to or below the best-fit relation. The color of the error ellipse indicates the Hubble
type of the host galaxy: elliptical (red), S0 (green), and spiral (blue). The saturation of the colors in the error ellipses or boxes is inversely proportional to the area of
the ellipse or box. Squares are galaxies that we do not include in our fit. The line is the best fit relation to the full sample: MBH = 108.12 M!(σ/200 km s−1)4.24. The
mass uncertainty for NGC 4258 has been plotted much larger than its actual value so that it will show on this plot. For clarity, we omit labels of some galaxies in
crowded regions.

relation from sample S. The distribution of the residuals appears
consistent with a normal or Gaussian distribution in logarithmic
mass, although the distribution is noisy because of the small
numbers. For a more direct test of normality we look at log(MBH)
in galaxies with σe between 165 and 235 km s−1, corresponding
to a range in log(σe/200 km s−1) from approximately −0.075
to 0.075. The predicted masses for the 19 galaxies in this
narrow range differ by at most a factor of 4.3, given our
best-fit relation. The power of having a large number of
galaxies in a narrow range in velocity dispersion is evident
here, as there is no need to assume a value for the slope of

M–σ or even that a power-law form is the right model. The
only assumption required is that the ridge line of any M–σ
relation that may exist does not change substantially across
the range of velocity dispersion. The mean of the logarithmic
mass in solar units is 8.16, and the standard deviation is
0.45. The expected standard deviation in mass is 0.19, based
on the rms dispersion of log(σe/200 km s−1) (0.046) in this
range times the M–σ slope β; thus the variation in the ridge line
of the M–σ relation in this sample is negligible compared to
the intrinsic scatter. We perform an Anderson–Darling test for
normality with unknown center and variance on this sample of

Black holes coevolve with host galaxy
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Happy Accidents: Looking at the Smallest Clusters

Two New Milky Way Satellites 3
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Fig. 2.— The KPNO view of Pisces II (upper row) and Segue 3 (lower row). The panels are the same as in Figure 1, with the inner
radius increased to 2′. The KPNO saturation limit is fainter than that of SDSS at r ∼ 18, but it reaches ∼ 2 magnitudes deeper. The
CMD of Pisces II shows the most obvious improvement. In the KPNO data, strong RGB and clear BHB and blue straggler populations
can now be seen. The dotted box in the middle left is used to pick out the likely BHB members. The dotted lines in the right panel outline
the regions used to select the satellite members.
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Fig. 3.— Density contours (black) of candidate member stars
selected from the KPNO data centered on each satellite. Left:
Pisces II is mapped out with RGB stars. Right: Segue 3 is mapped
out with MS stars. Contour levels are 3, 5, 8, 10, 15 σ (also 20
and 30 σ for Segue 3) above the background. Red ellipses show
Plummer isodensity contours corresponding to one and two half-
radii. Blue dots mark the locations of the BHB candidate stars.

Pisces II – The KPNO photometry reaches at least
2 magnitudes fainter than the SDSS and plays a cru-
cial role in the identification and analysis of Pisces II,
as can be seen from Fig. 2. The stellar over-density is
enhanced, with a significance of ∼ 8. The CMD is now
quite unambiguous, with both RGB and BHB clearly
visible together with a pile-up of stars around the main
sequence turn-off (MSTO). The very tight BHB can now
be used to estimate the distance modulus of the system
(m−M)0 = 21.3. Both CMD and the Hess difference
panels of Fig. 2 show over-plotted the ridge-lines of the
globular clusters M92 and M13 from Clem (2005). The
RGB stars in Pisces II seem to be described equally well
by both and, hence, are likely to possess metallicity in

Segue 3 with SDSS
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Fig. 4.— Color images covering 4′ × 4′ region centered on Segue
3 made with SDSS (left) and KPNO (right) data. SDSS image is
made with g, r and i band frames. KPNO image is made with g
and r band frames.

the range of −2.3 <[Fe/H]< −1.55 (Harris 1996). Note,
however, that the two brightest RGB stars are located
right on top of the M13 ridgeline. To select all likely
members of Pisces II, we draw a wide mask shown in the
right panel of Fig. 2; we also select the BHB candidate
stars with a color-magnitude box shown in the middle left
panel. Using these selection cuts we can now measure the
structural parameters of Pisces II and its luminosity. The
density contours of the RGB and MSTO stars are shown
in the left panel of Fig. 3. To measure the satellite’s half-
light radius, ellipticity and position angle, we follow the
procedure outlined in Martin et al. (2008). From the lo-
cations of candidate MSTO and RGB stars we measure
a half-light radius of 1.′1 (or ∼ 60 pc at a distance of ∼
180 kpc) with noticeable ellipticity. The results of this
maximum likelihood fit are reported in Table 1.
To estimate the total luminosity of Pisces II, we i) in-

Finding recoiled BHs in the Milky Way 11

Figure 9. Thumbnails of a diverse selection of candidates. From left to right and top to bottom these are SDSS
J114607.52+135233.1, SDSS J130154.22-031323.3, SDSS J052222.65-013302.9, SDSS J084034.69+162319.5, SDSS J084822.47+355630.4,
SDSS J093815.82+231234.8, SDSS J121414.73+161215.4, and SDSS J123544.93+193016.9. The scale is the same for all images, with the
photometric object located at the center.

For more massive BHs, the cluster should eject few stars, and
retain the initial number of stars in the cluster. Although a
single BH has a small tidal disruption rate, we have found
that the total rate for all clusters in Milky Way like galaxies
is ∼ 10−7 yr−1, which is only a factor of ∼ 10 lower than in
the galactic center. We were not able to completely model
the recoiled clusters with Fokker-Planck methods, even after
accounting for the loss of stars to large angle scattering, be-
cause of the large amount of anisotropy in realistic clusters.

We used our N-body simulations to generate random
realizations of star clusters today, which guided our search
for star clusters around recoiled BHs in SDSS. In our pho-
tometric search through SDSS data, we assumed that the
star clusters have a power-law density profile and that they
have colors comparable to an old population of stars. We
used these criteria to find ∼ 70, 000 candidates of which
only ∼ 1000 had a light density profile out to 4′′ consistent
with a recoiled star cluster with power-law density slope.
We visually inspected all candidates, and found that many
were the bulges of nearby face on spirals. The remaining 100
candidates were faint, and difficult to distinguish from dis-
tant galaxies. Follow-up spectroscopy is necessary to identify
their nature. If any of them are a star cluster around a re-
coiled BH, it would show unusually high velocity dispersion
σ! at z ≈ 0, with a spectrum of a population of old stars.

We also searched the spectroscopic database of SDSS
for resolved objects with a low redshift/blueshift consistent
with the Local Group. The vast majority of these candidates
were galaxies with bright foreground stars. We found no
candidates that appeared to be a recoiled cluster.

The criteria we used to search for candidate clusters
required the cluster to have a well defined power-law den-
sity profile, as found in our numerical simulations. Because
we did not include compact remnants in our simulations
(which would have the correct density profile but not light
profile) we can not be confident that we properly included all

star clusters in our search Unfortunately, most research on
stellar remnants around supermassive black holes focus on
mass segregation around relaxed stellar cusps (Freitag et al.
2006; Hopman & Alexander 2006; O’Leary et al. 2009;
Alexander & Hopman 2009; Keshet et al. 2009). These sim-
ulations find that compact remnants play an important role
in the dynamics for radii r ! rk. We have not included these
objects because it is difficult to quantify how many com-
pact remnants would be in this region immediately before
the binary merges. Indeed, the segregation of the compact
remnants can only occur after the low-mass stars populate
this region (Merritt 2009). In future work we hope to include
these compact remnants, and extend our Fokker-Planck code
to include large angle scattering between stars of multiple
masses (O’Leary et al. 2009).

An alternative search strategy, which we did not explore
here, is to cross-check less stringent criteria with alternative
databases, such as the ROSAT x-ray survey.
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TABLE 1

Comparison of NR Recoil Calculations with the EOB Model

m /m1 2 a1 a2

v1
(deg)

v2
(deg)

vNR
(km s!1)

vEOB
(km s!1) Ref.

1 . . . . . . 0.58 0.0 0 180 100 ! 10 120 ! 70 1
0.58 0.15 0 180 135 ! 20 160 ! 100 1
0.58 0.29 0 180 185 ! 5 260 ! 80 1
0.58 0.44 0 180 215 ! 15 420 ! 210 1
0.58 0.58 0 180 260 ! 15 340 ! 160 1

2 . . . . . . 0.8 0.0 135 0 454 ! 25 360 ! 150 2
1 . . . . . . 0.5 0.5 90 90 1830 ! 100 1300 ! 300 2

0.73 0.73 90 90 2450 ! 250 1700 ! 400 3
0.8 0.8 90 90 2650 ! 300 1850 ! 450 3

References.—(1) Koppitz et al. 2007; (2) Campanelli et al. 2007; (3)
González et al. 2007a.

Fig. 3.—Cumulative distribution function for kick velocities forv ! vkick

equal masses and random spins. The dashed lines represent 1 jm p m1 2

confidence limits.

Fig. 4.—Cumulative probability distribution as a function of symmetric mass
ratio h. The contours of represent the probability of having a recoilf(v; h)
velocity greater than . The spins have amplitude and randomv a p a p 0.91 2

orientation. [See the electronic edition of the Journal for a color version of
this figure.]

where and . We agree closely withq p m /m K p k a(q" 1)2 1 p p

their best-fit results, matching km s!1 and finding slightlyV p 2760

higher values of and (compared to theirb p 1.27 k p 1.07p

and ). This deviation is largest for large spins,b p 0.84 k p 0.85p

where they do not have much data and where our simplified RD
matching methods might start to break down. Following the spin-
orbit recoil formula in Kidder (1995), we can modify equation (1)
to include nonplanar kicks. We write the recoil component in the
plane as and the component outK p k (a cos v ! qa cos v )p p 1 1 2 2

of the plane as , withK p k (a sin v cos f ! qa sin v cos f )z z 1 1 1 2 2 2

being the angle between the spin and angular momentum andv1, 2
being the azimuthal angle of each spin, measured with respectf1, 2

to the binary separation vector. From the Monte Carlo simulations
(described in the next section), we find , but with a largek ≈ 1.7z

scatter between the EOB predictions and the simple analyticmodel.
As a final check of our model, in Table 1 we compare it

with the more general configurations of Koppitz et al. (2007),
Campanelli et al. (2007), and González et al. (2007a). The
relative EOB errors tend to decrease with increasing kick ve-
locity, which we believe is due to the vagaries of the present
energy-matching criterion. Future improvements in the inspiral-
RD matching methods should both improve the agreement with
NR results and also decrease the relative uncertainty in the
EOB predictions. For the configuration of González et al.
(2007a), where the spins are antialigned with each other and
normal to the angular momentum vector, the value of the final
recoil is sensitive to the angle the spins make with the orbital
separation vector. We maximize over this angle, but we are still
unable to attain their kick magnitudes of ∼2500 km s!1. How-
ever, we see from these different cases that there does not seem
to be a systematic disagreement with the NR results: sometimes
the EOB overestimates the kick, and sometimes underestimates
it, so the velocity distributions integrated over a wide range of
BH parameter space should still be reasonably reliable.

4. RESULTS: RECOIL VELOCITY DISTRIBUTIONS

Having successfully compared the EOB model with a range of
NR results, we are now in a position to carry out a series ofMonte
Carlo calculations. The first model we consider is that of equal-
mass BHs with random spins, uniformly distributed in [0 ≤ a ≤

and . We construct a probability distribution0.9] [!1 ≤ cos v ≤ 1]
function for the kick velocities by summing over a collectionP(v)
of normal distributions with the mean and variance for each in-
dividual binary system calculated as in § 2. The cumulative dis-
tribution function is given by , normalized

# ′ ′
f (v) f (v) p P(v )dv!v

such that and is the probability that a random binaryf (0)p 1 f (v)
in the sample will have a recoil larger than .v
Figure 3 shows this distribution for the equal-mass, random

spin case for 104 binaries, with the dashed lines corresponding to
1 j confidence limits. The resulting uncertainty is on the order of
50%, which, while admittedly large, can still provide interesting
new constraints on astrophysical models of black hole mergers.
Perhaps a more realistic model samples a uniform distribution

in mass ratios and spin orientations, and sets[1 ≤ m /m ≤ 10]1 2

for each black hole, based on observational argu-a/m p 0.9
ments that most supermassive black holes are rapidly spinning
(Yu & Tremaine 2002; Elvis et al. 2002; Wang et al. 2006).
While more extreme mass ratios are astrophysically possible,
they will almost certainly generate kicks much smaller than typ-
ical escape velocities. For these parameters, we find that a frac-
tion of binaries have recoil velocities greater than"0.06f p 0.12500 !0.05

500 km s!1 and that a fraction of binaries"0.021f p 0.0271000 !0.014

have kicks greater than 1000 km s!1. However, as we saw in
§ 3, the largest kicks occur with nearly equal masses, so these
fractions may be biased toward smaller kicks due to the wide
range of considered in this model. To factor out the un-m /m1 2

certainty in mass distributions, we plot in Figure 4 the velocity
distribution function as a function of h. As expected, the typical
velocities increase significantly for . Limiting the sam-h ! 0.16

35
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this figure.]

where and . We agree closely withq p m /m K p k a(q" 1)2 1 p p

their best-fit results, matching km s!1 and finding slightlyV p 2760

higher values of and (compared to theirb p 1.27 k p 1.07p

and ). This deviation is largest for large spins,b p 0.84 k p 0.85p

where they do not have much data and where our simplified RD
matching methods might start to break down. Following the spin-
orbit recoil formula in Kidder (1995), we can modify equation (1)
to include nonplanar kicks. We write the recoil component in the
plane as and the component outK p k (a cos v ! qa cos v )p p 1 1 2 2

of the plane as , withK p k (a sin v cos f ! qa sin v cos f )z z 1 1 1 2 2 2

being the angle between the spin and angular momentum andv1, 2
being the azimuthal angle of each spin, measured with respectf1, 2

to the binary separation vector. From the Monte Carlo simulations
(described in the next section), we find , but with a largek ≈ 1.7z

scatter between the EOB predictions and the simple analyticmodel.
As a final check of our model, in Table 1 we compare it

with the more general configurations of Koppitz et al. (2007),
Campanelli et al. (2007), and González et al. (2007a). The
relative EOB errors tend to decrease with increasing kick ve-
locity, which we believe is due to the vagaries of the present
energy-matching criterion. Future improvements in the inspiral-
RD matching methods should both improve the agreement with
NR results and also decrease the relative uncertainty in the
EOB predictions. For the configuration of González et al.
(2007a), where the spins are antialigned with each other and
normal to the angular momentum vector, the value of the final
recoil is sensitive to the angle the spins make with the orbital
separation vector. We maximize over this angle, but we are still
unable to attain their kick magnitudes of ∼2500 km s!1. How-
ever, we see from these different cases that there does not seem
to be a systematic disagreement with the NR results: sometimes
the EOB overestimates the kick, and sometimes underestimates
it, so the velocity distributions integrated over a wide range of
BH parameter space should still be reasonably reliable.

4. RESULTS: RECOIL VELOCITY DISTRIBUTIONS

Having successfully compared the EOB model with a range of
NR results, we are now in a position to carry out a series ofMonte
Carlo calculations. The first model we consider is that of equal-
mass BHs with random spins, uniformly distributed in [0 ≤ a ≤

and . We construct a probability distribution0.9] [!1 ≤ cos v ≤ 1]
function for the kick velocities by summing over a collectionP(v)
of normal distributions with the mean and variance for each in-
dividual binary system calculated as in § 2. The cumulative dis-
tribution function is given by , normalized

# ′ ′
f (v) f (v) p P(v )dv!v

such that and is the probability that a random binaryf (0)p 1 f (v)
in the sample will have a recoil larger than .v
Figure 3 shows this distribution for the equal-mass, random

spin case for 104 binaries, with the dashed lines corresponding to
1 j confidence limits. The resulting uncertainty is on the order of
50%, which, while admittedly large, can still provide interesting
new constraints on astrophysical models of black hole mergers.
Perhaps a more realistic model samples a uniform distribution

in mass ratios and spin orientations, and sets[1 ≤ m /m ≤ 10]1 2

for each black hole, based on observational argu-a/m p 0.9
ments that most supermassive black holes are rapidly spinning
(Yu & Tremaine 2002; Elvis et al. 2002; Wang et al. 2006).
While more extreme mass ratios are astrophysically possible,
they will almost certainly generate kicks much smaller than typ-
ical escape velocities. For these parameters, we find that a frac-
tion of binaries have recoil velocities greater than"0.06f p 0.12500 !0.05

500 km s!1 and that a fraction of binaries"0.021f p 0.0271000 !0.014

have kicks greater than 1000 km s!1. However, as we saw in
§ 3, the largest kicks occur with nearly equal masses, so these
fractions may be biased toward smaller kicks due to the wide
range of considered in this model. To factor out the un-m /m1 2

certainty in mass distributions, we plot in Figure 4 the velocity
distribution function as a function of h. As expected, the typical
velocities increase significantly for . Limiting the sam-h ! 0.16
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SMBH Fossils in our Backyard

Comparable Number of BHs to:

Volonteri & Perna 2006
Libeskind et al. 2006

Islam et al. 2004

Method:
Generate Monte-Carlo Merger tree models
(Parkinson et al. 2008)

Assume M-σ relation for galaxy M > 108M⦿ 
(Tremaine et al. 2002)

Assign random kicks to the mergers
(Schnittman & Buonanno 2007)

Distribution of the BHs roughly follows the 
dark matter halo.

Method:
Generate Monte-Carlo Merger tree models
(Parkinson et al. 2008)

Assume M-σ relation for galaxy M > 108M⦿ 
(Tremaine et al. 2002)

Assign random kicks to the mergers
(Schnittman & Buonanno 2007)

Distribution of the BHs roughly follows the 
dark matter halo.

SDSS Limit
Recoiled BHs in the Milky Way 3

Schnittman & Buonanno (2007) assuming that all the BHs
have the same spin with two different values: a = 0.1 and
0.9. A BH is ejected from its host galaxy if the kick ve-
locity is larger than the escape velocity, vk > vesc, and
remains in the larger potential of the MW if the final ve-
locity is less than the escape velocity of the MW halo,
vej =

p

v2
k − v2

esc ! 500 kms−1. Although the MW escape
velocity evolves by tens of percent as the MW halo assem-
bles1, we neglect this evolution in our analysis.

In our realizations of the MW merger tree, there were
an average of ≈ 1500 galaxy mergers for each run. Of these,
≈ 700 were major mergers with q > 0.1. For BHs with spin
a = 0.9 (a = 0.1) gravitational wave recoil ejected ≈ 570
(≈ 440) BHs from their parent galaxy, and NBH ≈ 330
(≈ 440) remained within the MW halo. In all of our sim-
ulations, the average kick velocity, even for the most mas-
sive BHs ejected, is comparable to or less than the present
day velocity dispersion of the halo ! 200 kms−1. Thus, we
expect that most of the BHs trace the distribution of the
dark matter in the halo. This is consistent with the results
of Libeskind et al. (2006) who used N-body simulations to
follow the kicked BHs in MW halo. The BHs which were not
ejected from their host galaxies settle back into the core of
galaxies owing to dynamical friction, however, the vast ma-
jority of these galaxies have since merged to form the Milky
Way.

In Figure 1, we plot the cumulative flux distribution of
the remnant BHs, assuming that the BHs follow the present-
day NFW profile of the MW with c = 12 and rvir = 200 kpc
(Klypin et al. 2002; Li & White 2008). We determine the lu-
minosity from Eq. (6) in § 3, and report the flux in units of
the flux from the Sun if it were at a distance of 1 kpc, f",kpc,
and also the apparent bolometric magnitude (top axis). As-
suming that these clusters lose little mass, we expect that
nearly all remnant BHs with mass M• " 2 × 103 M" in the
MW halo would be visible to the depth of Sloan Digital Sky
Survey 2 (SDSS).

In all our models, we find the mass distribution of the
ejected BHs to scale roughly as dNBH/dM• ∝ M−1

• (with
the a = 0.1 case showing a slightly steeper distribution on
the high mass end of BHs). The most massive BH present in
the halo is 6.3+5.7

−2.8×105 M" for a = 0.9, and 1.7+0.8
−0.5×105 M"

for a = 0.1, where the quoted uncertainty represents the
one standard deviation. The closest BH that has an appar-
ent magnitude < 21m, the approximate depth of SDSS, has
an average mass of ∼ 3 × 103 M" and is ∼ 1 kpc away.
For the typical distances and masses of the BHs, dynam-
ical friction is negligible over the age of the universe. For
example, the dynamical friction timescale of a ∼ 105 M"

BH is " 1011 yr at even ∼ 1 kpc from the galactic center
(Binney & Tremaine 1987).

Given the assumptions used here and the uncertainties
in the lower limit for the BH mass, our results are consis-
tent with the findings of previous analyses of BHs in the MW
halo, even though only a few papers (i.e., Volonteri & Perna
2005; Libeskind et al. 2006) explicitly account for GW re-

1 The gravitational potential does not evolve during the linear
growth of perturbations at redshifts z ! 1, and is only modestly
enhanced in the final collapse of galaxy halos (Loeb 2006).
2 http://www.sdss.org

Figure 1. The cumulative distribution of ejected star clusters
in the MW Halo. Plotted is the flux distribution associated with
BHs masses greater than 103 M" (black), 104 M" (blue), and
105 M" (red), in our models with BH spin a = 0.1 (solid) and
a = 0.9 (dashed) lines, plotted in units of the flux of the Sun
at a distance of 1 kpc (f",kpc). The top axis is labelled with the
apparent bolometric magnitude of the clusters. Nearly all BHs
with M• ! 2 × 103 M" have apparent magnitudes greater than
21, the rough magnitude limit of SDSS. The mass distribution
of the ejected BHs has approximately equal number per log M•

interval, with dNBH/dM• ∝ M−1
• .

coil. Previous studies that focused on BHs that formed in
the smallest overdensities in the early universe (∼ 106 M"

at z " 20) found that there may be up to 103−104 BHs with
masses " 102 M" (Islam et al. 2004a; Zhao & Silk 2005;
Bertone et al. 2005; Mapelli et al. 2006). Volonteri & Perna
(2005) and Libeskind et al. (2006) used more conservative
estimates for the threshold of forming seed BHs, and ac-
counted for the growth of the BH owing to accretion. They
concluded that there are more likely only ∼ 102 such BHs
in the halo. Here, we sidestepped the issue of how and
when the seed BHs formed, and assumed that all galax-
ies (with mass " 108 M") have a central BH that follows
the M• − σ! relationship, which consistently extends to the
lowest mass BHs observed (Greene & Ho 2006). With these
conditions for the BH mass, our results are most consistent
with Volonteri & Perna (2005) and Libeskind et al. (2006),
however we do not follow the evolution of BHs with mass
! 103 M".

3 STRUCTURE AND EVOLUTION OF

EJECTED STAR CLUSTERS

The number of stars that remain bound to the ejected BH
will depend on the stellar distribution immediately before
merger and the magnitude of the kick from GWs. The stel-
lar distribution is determined by the relaxation timescale
at the radius of influence of the BH binary, ri = GM•/σ2
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have the same spin with two different values: a = 0.1 and
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locity is larger than the escape velocity, vk > vesc, and
remains in the larger potential of the MW if the final ve-
locity is less than the escape velocity of the MW halo,
vej =

p
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esc ! 500 kms−1. Although the MW escape
velocity evolves by tens of percent as the MW halo assem-
bles1, we neglect this evolution in our analysis.

In our realizations of the MW merger tree, there were
an average of ≈ 1500 galaxy mergers for each run. Of these,
≈ 700 were major mergers with q > 0.1. For BHs with spin
a = 0.9 (a = 0.1) gravitational wave recoil ejected ≈ 570
(≈ 440) BHs from their parent galaxy, and NBH ≈ 330
(≈ 440) remained within the MW halo. In all of our sim-
ulations, the average kick velocity, even for the most mas-
sive BHs ejected, is comparable to or less than the present
day velocity dispersion of the halo ! 200 kms−1. Thus, we
expect that most of the BHs trace the distribution of the
dark matter in the halo. This is consistent with the results
of Libeskind et al. (2006) who used N-body simulations to
follow the kicked BHs in MW halo. The BHs which were not
ejected from their host galaxies settle back into the core of
galaxies owing to dynamical friction, however, the vast ma-
jority of these galaxies have since merged to form the Milky
Way.

In Figure 1, we plot the cumulative flux distribution of
the remnant BHs, assuming that the BHs follow the present-
day NFW profile of the MW with c = 12 and rvir = 200 kpc
(Klypin et al. 2002; Li & White 2008). We determine the lu-
minosity from Eq. (6) in § 3, and report the flux in units of
the flux from the Sun if it were at a distance of 1 kpc, f",kpc,
and also the apparent bolometric magnitude (top axis). As-
suming that these clusters lose little mass, we expect that
nearly all remnant BHs with mass M• " 2 × 103 M" in the
MW halo would be visible to the depth of Sloan Digital Sky
Survey 2 (SDSS).

In all our models, we find the mass distribution of the
ejected BHs to scale roughly as dNBH/dM• ∝ M−1

• (with
the a = 0.1 case showing a slightly steeper distribution on
the high mass end of BHs). The most massive BH present in
the halo is 6.3+5.7

−2.8×105 M" for a = 0.9, and 1.7+0.8
−0.5×105 M"

for a = 0.1, where the quoted uncertainty represents the
one standard deviation. The closest BH that has an appar-
ent magnitude < 21m, the approximate depth of SDSS, has
an average mass of ∼ 3 × 103 M" and is ∼ 1 kpc away.
For the typical distances and masses of the BHs, dynam-
ical friction is negligible over the age of the universe. For
example, the dynamical friction timescale of a ∼ 105 M"

BH is " 1011 yr at even ∼ 1 kpc from the galactic center
(Binney & Tremaine 1987).

Given the assumptions used here and the uncertainties
in the lower limit for the BH mass, our results are consis-
tent with the findings of previous analyses of BHs in the MW
halo, even though only a few papers (i.e., Volonteri & Perna
2005; Libeskind et al. 2006) explicitly account for GW re-

1 The gravitational potential does not evolve during the linear
growth of perturbations at redshifts z ! 1, and is only modestly
enhanced in the final collapse of galaxy halos (Loeb 2006).
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Figure 1. The cumulative distribution of ejected star clusters
in the MW Halo. Plotted is the flux distribution associated with
BHs masses greater than 103 M" (black), 104 M" (blue), and
105 M" (red), in our models with BH spin a = 0.1 (solid) and
a = 0.9 (dashed) lines, plotted in units of the flux of the Sun
at a distance of 1 kpc (f",kpc). The top axis is labelled with the
apparent bolometric magnitude of the clusters. Nearly all BHs
with M• ! 2 × 103 M" have apparent magnitudes greater than
21, the rough magnitude limit of SDSS. The mass distribution
of the ejected BHs has approximately equal number per log M•

interval, with dNBH/dM• ∝ M−1
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coil. Previous studies that focused on BHs that formed in
the smallest overdensities in the early universe (∼ 106 M"

at z " 20) found that there may be up to 103−104 BHs with
masses " 102 M" (Islam et al. 2004a; Zhao & Silk 2005;
Bertone et al. 2005; Mapelli et al. 2006). Volonteri & Perna
(2005) and Libeskind et al. (2006) used more conservative
estimates for the threshold of forming seed BHs, and ac-
counted for the growth of the BH owing to accretion. They
concluded that there are more likely only ∼ 102 such BHs
in the halo. Here, we sidestepped the issue of how and
when the seed BHs formed, and assumed that all galax-
ies (with mass " 108 M") have a central BH that follows
the M• − σ! relationship, which consistently extends to the
lowest mass BHs observed (Greene & Ho 2006). With these
conditions for the BH mass, our results are most consistent
with Volonteri & Perna (2005) and Libeskind et al. (2006),
however we do not follow the evolution of BHs with mass
! 103 M".

3 STRUCTURE AND EVOLUTION OF

EJECTED STAR CLUSTERS

The number of stars that remain bound to the ejected BH
will depend on the stellar distribution immediately before
merger and the magnitude of the kick from GWs. The stel-
lar distribution is determined by the relaxation timescale
at the radius of influence of the BH binary, ri = GM•/σ2
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In all our models, we find the mass distribution of the
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Given the assumptions used here and the uncertainties
in the lower limit for the BH mass, our results are consis-
tent with the findings of previous analyses of BHs in the MW
halo, even though only a few papers (i.e., Volonteri & Perna
2005; Libeskind et al. 2006) explicitly account for GW re-
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Figure 1. The cumulative distribution of ejected star clusters
in the MW Halo. Plotted is the flux distribution associated with
BHs masses greater than 103 M" (black), 104 M" (blue), and
105 M" (red), in our models with BH spin a = 0.1 (solid) and
a = 0.9 (dashed) lines, plotted in units of the flux of the Sun
at a distance of 1 kpc (f",kpc). The top axis is labelled with the
apparent bolometric magnitude of the clusters. Nearly all BHs
with M• ! 2 × 103 M" have apparent magnitudes greater than
21, the rough magnitude limit of SDSS. The mass distribution
of the ejected BHs has approximately equal number per log M•

interval, with dNBH/dM• ∝ M−1
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coil. Previous studies that focused on BHs that formed in
the smallest overdensities in the early universe (∼ 106 M"

at z " 20) found that there may be up to 103−104 BHs with
masses " 102 M" (Islam et al. 2004a; Zhao & Silk 2005;
Bertone et al. 2005; Mapelli et al. 2006). Volonteri & Perna
(2005) and Libeskind et al. (2006) used more conservative
estimates for the threshold of forming seed BHs, and ac-
counted for the growth of the BH owing to accretion. They
concluded that there are more likely only ∼ 102 such BHs
in the halo. Here, we sidestepped the issue of how and
when the seed BHs formed, and assumed that all galax-
ies (with mass " 108 M") have a central BH that follows
the M• − σ! relationship, which consistently extends to the
lowest mass BHs observed (Greene & Ho 2006). With these
conditions for the BH mass, our results are most consistent
with Volonteri & Perna (2005) and Libeskind et al. (2006),
however we do not follow the evolution of BHs with mass
! 103 M".

3 STRUCTURE AND EVOLUTION OF

EJECTED STAR CLUSTERS

The number of stars that remain bound to the ejected BH
will depend on the stellar distribution immediately before
merger and the magnitude of the kick from GWs. The stel-
lar distribution is determined by the relaxation timescale
at the radius of influence of the BH binary, ri = GM•/σ2
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Perform N-body simulations of 
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40% of Stars Ejected for 
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Break depends on M
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Results

Cluster around a 104 M⦿ ejected BH

N-body Simulations

Fokker-Planck

Power-law slope from 
regular relaxation

Normalization from 
large angle scattering & 
resonant relaxation/tidal 
disruption

Robust Density Profile
~r-2.15

Henon ’69, Lin & Tremaine ‘80

8 O’Leary & Loeb

Figure 5. The total projected mass in stars within a distance r of the BH. Plotted is the cumulative mass projected within a circle of
radius r for Model I (single mass: long-dashed red line) & Model II (flat IMF: solid black line) with M• = 104 M!. Fig. (a) shows the
result of the fiducial N -body simulation with the appropriate sized tidal disruption radius (see § 2.1). Overlayed, in the green dashed line,
is the result of our Fokker-Planck simulations from Paper I choosen to have the same half-mass radius as our N -body simulations and
renormalized to have the same total number of stars. The overall shape of the curve matches the N-body results remarkably
well until there is, on average, less than one star enclosed. Also plotted (blue dotted line) is the result from § 3
including large angle scattering and resonant relaxation. The line was chosen at the time where the total mass of stars
in the Fokker-Planck simulation matched the N-body simulation of Model II. The Fokker-Planck simulations with
resonant relaxation tend to clear out too many stars within the half-light radius, whereas the simulations without
resonant relaxation have too many stars and must be rescaled in size in order to match the distribution of stars in
the simulations. Fig. (b) shows a similar simulation of Model II with a much smaller tidal disruption radius rtid = 3Rs = 6GM•/c2.
The green dashed line in Fig. (b) doesn’t include two-body scattering. The smaller rtid results in a density profile with power-law slope
α = 2.15 throughout the entire cluster, where as, for a more realistic tidal disruption radius the density profile flattens within the
half-mass radius of the cluster.

distribution function of the stars, Q(x) is the rate at which
stars flow to higher energies, Rlc(x) is the tidal disruption
rate of stars that diffuse into the BH loss cone via regular
two-body relaxation (Bahcall & Wolf 1977), Rrr(x) is
the tidal disruption rate of stars that fall into the BH
loss cone via resonant relaxation (Rauch & Tremaine
1996; Rauch & Ingalls 1998; Hopman & Alexander
2006a), and Rss(x) the rate that stars are ejected from the
cluster owing to strong encounters. Bahcall & Wolf (1976,
1977) found that

Q(x) =

∫ xtd

−∞

dy[max(x, y)]−3/2

(

g(x)
∂g(y)
∂y

− g(y)
∂g(x)
∂x

)

. (9)

and

Rlc(x) ≈
g(x)2

ln[Jc(x)/JLC]
, (10)

where Jc(x)/JLC ≈ (x/xtd)
1/2, and where xtd ≈

(M•/m!)
−1/3ri/R! is the maximum specific energy of a star

before tidal disruption.
In systems with nearly Keplerian orbits, torques be-

tween the stars add coherently, and can efficiently ran-
domize the angular momentum of the stars on a timescale
much shorter than the regular (non-coherent) relaxation
time. This process, known as resonant relaxation (Rauch

& Tremaine 1996), can lead to an enhanced rate of tidal
disruptions as the stars enter the loss cone (Rauch & Ingalls
1998). We follow Hopman & Alexander (2006a), who de-
rived an approximate expression for the resonant relaxation
driven tidal disruption rate for Eq. 8. They found that the
rate is approximately

Rrr(x) ≈ χ
g(x)
τrr(x)

, (11)

where χ is an unknown efficiency factor of order unity, and
τrr(x) is the resonant relaxation timescale. In our numeri-
cal simulations we do not include general relativistic preces-
sion11, so the only form of precession that limits the resonant
relaxation is caused by the enclosed mass of the system. In
these circumstances Hopman & Alexander (2006a) found
τrr ≈ .0278x3/2.

Although strong encounters are less important in cal-
culating the flow of stars to higher and lower energies, in
eq. (9), a single strong encounter can eject a star from the
cluster. Henon (1969) first calculated the escape rate of stars
from isolated star clusters for an arbitrary distribution of

11 In § 2.2.3, we have included general relativistic precession and
found no quantitative different in the tidal disruption rate or the
distribution of stars in the cluster
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Getting My Hands Dirty

A Search Through SDSS

Many Objects have sizes > 3”

Colors more like stars than galaxies 
(see Merritt et al. 2009 as well) and 
highly stochastic.

Different density profile than galaxies

Spectroscopic followup can confirm/
disprove candidates

8” @ 50 kpc
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SMBH Fossils in our Backyard

•Inevitable Process 

•Cluster Rapidly Expands ~ 1pc

•Have high Keplerian dispersions, and not point like

•Extragalactic Tidal Disruptions are common

•Can also look in local group around M31, M33, etc.

•Larger BHs may be found in the Virgo cluster as well

Part I: SMBH Fossils in our Backyard

(Merritt et al. 2009)
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Part II: Black Holes in tidally Stripped Clusters

Two New Milky Way Satellites 3

Stellar density

10 5 0 -5 -10
(!"!0)cos# [arcmin]

-10

-5

0

5

10

#"
# 0

 [a
rc

m
in

]

10 5 0 -5 -10
-10

-5

0

5

10
CMD inside 2.0’

-0.5 0.0 0.5 1.0 1.5
g-r [mag]

24

22

20

18

16

14
r [

m
ag

]
CMD outside 7’

-0.5 0.0 0.5 1.0 1.5
g-r [mag]

24

22

20

18

16

14

r [
m

ag
]

Hess difference

-0.5 0.0 0.5 1.0 1.5
g-r [mag]

24

22

20

18

16

14

r [
m

ag
]

-0.5 0.0 0.5 1.0 1.5

24

22

20

18

16

14

Stellar density

10 5 0 -5 -10
(!"!0)cos# [arcmin]

-10

-5

0

5

10

#"
# 0

 [a
rc

m
in

]

10 5 0 -5 -10
-10

-5

0

5

10
CMD inside 2.0’

-0.5 0.0 0.5 1.0 1.5
g-r [mag]

24

22

20

18

16

14

r [
m

ag
]

CMD outside 7’

-0.5 0.0 0.5 1.0 1.5
g-r [mag]

24

22

20

18

16

14
r [

m
ag

]
Hess difference

-0.5 0.0 0.5 1.0 1.5
g-r [mag]

24

22

20

18

16

14

r [
m

ag
]

-0.5 0.0 0.5 1.0 1.5

24

22

20

18

16

14

Fig. 2.— The KPNO view of Pisces II (upper row) and Segue 3 (lower row). The panels are the same as in Figure 1, with the inner
radius increased to 2′. The KPNO saturation limit is fainter than that of SDSS at r ∼ 18, but it reaches ∼ 2 magnitudes deeper. The
CMD of Pisces II shows the most obvious improvement. In the KPNO data, strong RGB and clear BHB and blue straggler populations
can now be seen. The dotted box in the middle left is used to pick out the likely BHB members. The dotted lines in the right panel outline
the regions used to select the satellite members.
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Fig. 3.— Density contours (black) of candidate member stars
selected from the KPNO data centered on each satellite. Left:
Pisces II is mapped out with RGB stars. Right: Segue 3 is mapped
out with MS stars. Contour levels are 3, 5, 8, 10, 15 σ (also 20
and 30 σ for Segue 3) above the background. Red ellipses show
Plummer isodensity contours corresponding to one and two half-
radii. Blue dots mark the locations of the BHB candidate stars.

Pisces II – The KPNO photometry reaches at least
2 magnitudes fainter than the SDSS and plays a cru-
cial role in the identification and analysis of Pisces II,
as can be seen from Fig. 2. The stellar over-density is
enhanced, with a significance of ∼ 8. The CMD is now
quite unambiguous, with both RGB and BHB clearly
visible together with a pile-up of stars around the main
sequence turn-off (MSTO). The very tight BHB can now
be used to estimate the distance modulus of the system
(m−M)0 = 21.3. Both CMD and the Hess difference
panels of Fig. 2 show over-plotted the ridge-lines of the
globular clusters M92 and M13 from Clem (2005). The
RGB stars in Pisces II seem to be described equally well
by both and, hence, are likely to possess metallicity in
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Fig. 4.— Color images covering 4′ × 4′ region centered on Segue
3 made with SDSS (left) and KPNO (right) data. SDSS image is
made with g, r and i band frames. KPNO image is made with g
and r band frames.

the range of −2.3 <[Fe/H]< −1.55 (Harris 1996). Note,
however, that the two brightest RGB stars are located
right on top of the M13 ridgeline. To select all likely
members of Pisces II, we draw a wide mask shown in the
right panel of Fig. 2; we also select the BHB candidate
stars with a color-magnitude box shown in the middle left
panel. Using these selection cuts we can now measure the
structural parameters of Pisces II and its luminosity. The
density contours of the RGB and MSTO stars are shown
in the left panel of Fig. 3. To measure the satellite’s half-
light radius, ellipticity and position angle, we follow the
procedure outlined in Martin et al. (2008). From the lo-
cations of candidate MSTO and RGB stars we measure
a half-light radius of 1.′1 (or ∼ 60 pc at a distance of ∼
180 kpc) with noticeable ellipticity. The results of this
maximum likelihood fit are reported in Table 1.
To estimate the total luminosity of Pisces II, we i) in-

Image of K I

Koposov et al. 2007Belokurov et al. 2010

We applied this filtering procedure to the entire stellar subset
of the DR5 source catalog with r < 22, g! r < 1:2 mag. In our
analysis we used the photometry cleaned by switching on quality
flags as described in SDSS SQL pages.3 This minimizes the in-
fluence of various artifacts, including those caused by proximity
of very bright or extended objects. In the resulting map that had
been convolved with a 20 kernel, we found two very compact ob-
jects among other overdensities ranked highly according to their
statistical significance. Figure 1 shows the SDSS images, and Fig-
ure 2 shows the spatial distribution of extracted sources, where
central concentrations of stars are clearly visible. These concen-
trations are detected at high level of significance. The areas of
10 radius marked by circles centered on Koposov 1 and 2 plotted
in Figure 2 contain 22 objects and 23 objects, respectively, while
mean density of g! r < 0:6, r > 20 mag stars should produce
approximately 2.5 objects, which implies a high statistical signif-
icance of the overdensities; for pure Poisson distribution of ob-
jects, the probability to find such group of stars in all DR5 is
around 10!9.

The differential Hess diagrams for stars within 2.50 radius cen-
tered on the objects are shown in Figure 3. There is a clear excess
of blue stars (g! r < 0:5), which we interpret as main-sequence

turnoff stars at r " 22, which roughly corresponds to distances
of "50 kpc.
To confirm the nature of discovered candidates and quantify

their structural and population properties, we acquired follow-up
GTO observations in 2007 January on the 2.2m telescope at Calar
Alto using the CAFOS camera. This camera has a 2k ; 2k CCD
with a 160 ; 160 field of view and a pixel scale of 0.500 pixel!1.We
observed each object for a total of 2 hr in Johnson B and 1.5 hr in
CousinsR. The integrationswere split into five individual dithered
exposures for cosmic ray and bad pixel rejection. The observa-
tions were carried out in good photometric conditions with a see-
ing of 100Y1.300. The data were bias-subtracted and flat-fielded.
The individual frames wereWCS-aligned, drizzled, and median-
combined using our software and the SCAMP and SWARP pro-
grams (Bertin 2006). The combinedB band images of the objects
are shown in Figure 4.
The central stellar overdensities are clearly corroborated by

the Calar Alto photometry, which is nearly 2mag deeper than the
original SDSS data. While the follow-up data are quite deep, the
stars are subject to significant crowding, due to the compactness
of the clusters. Therefore, for the purposes of robust source detec-
tion and photometry, we used theDAOPHOT/ALLSTAR software
(Stetson 1987). To get the absolute calibration of the photometry
from each frame, we cross-matched the DAOPHOTsources with
the SDSS catalog using theVirtualObservatory resource SAICAS4

(Koposov & Bartunov 2006). To convert the Sloan g and rmag-
nitudes into the Johnson-Cousins photometric system, we used
the conversion coefficients from Smith et al. (2002). The result-
ing B versus B! R color-magnitude diagrams (CMDs) of the
central regions of the objects, together with the CMDs of the com-
parison fields, extending to B " 23:5Y24 mag, are shown in the
Figure 5. The median photometric accuracy of the data is 0.05Y
0.1 mag. The CMDs clearly show the presence of the main se-
quences near the centers of the objects, while they are absent in the
comparison fields. The statistical significance of the overdensities

TABLE 1

Properties of Koposov 1 and Koposov 1

Parameter Koposov 1 Koposov 2

Coordinates (J2000)...... 11h59m18.5s, +12#1503600 07h58m17.00s, +26#1501800

Coordinates (‘, b) ......... (260.98#, 70.75#) (195.11#, 25.55#)
Distance......................... "50 kpc "40 kpc

Size................................ "3 pc "3 pc

MV ................................. "!2 mag "!1 mag

Relaxation Time............ "70 Myr "55 Myr
Tidal radius ................... "11 pc "9 pc

3 Available at: http://cas.sdss.org /dr5/en/help/docs/realquery.asp#flags.

Fig. 1.—30 ; 30 SDSS cutout images of Koposov 1 and 2. The bright star in the center of Koposov 1 is a foreground star with V " 14:5 mag and large proper motion
(!";!#) " (!32;!12) !as yr!1, according to the USNO-B1 catalog (Monet et al. 2003). The bright extended object near the center of Koposov 2 is a background galaxy.

4 Available at: http://vo.astronet.ru /cas.
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Fig. 2.— The KPNO view of Pisces II (upper row) and Segue 3 (lower row). The panels are the same as in Figure 1, with the inner
radius increased to 2′. The KPNO saturation limit is fainter than that of SDSS at r ∼ 18, but it reaches ∼ 2 magnitudes deeper. The
CMD of Pisces II shows the most obvious improvement. In the KPNO data, strong RGB and clear BHB and blue straggler populations
can now be seen. The dotted box in the middle left is used to pick out the likely BHB members. The dotted lines in the right panel outline
the regions used to select the satellite members.
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Fig. 3.— Density contours (black) of candidate member stars
selected from the KPNO data centered on each satellite. Left:
Pisces II is mapped out with RGB stars. Right: Segue 3 is mapped
out with MS stars. Contour levels are 3, 5, 8, 10, 15 σ (also 20
and 30 σ for Segue 3) above the background. Red ellipses show
Plummer isodensity contours corresponding to one and two half-
radii. Blue dots mark the locations of the BHB candidate stars.

Pisces II – The KPNO photometry reaches at least
2 magnitudes fainter than the SDSS and plays a cru-
cial role in the identification and analysis of Pisces II,
as can be seen from Fig. 2. The stellar over-density is
enhanced, with a significance of ∼ 8. The CMD is now
quite unambiguous, with both RGB and BHB clearly
visible together with a pile-up of stars around the main
sequence turn-off (MSTO). The very tight BHB can now
be used to estimate the distance modulus of the system
(m−M)0 = 21.3. Both CMD and the Hess difference
panels of Fig. 2 show over-plotted the ridge-lines of the
globular clusters M92 and M13 from Clem (2005). The
RGB stars in Pisces II seem to be described equally well
by both and, hence, are likely to possess metallicity in

Segue 3 with SDSS
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Fig. 4.— Color images covering 4′ × 4′ region centered on Segue
3 made with SDSS (left) and KPNO (right) data. SDSS image is
made with g, r and i band frames. KPNO image is made with g
and r band frames.

the range of −2.3 <[Fe/H]< −1.55 (Harris 1996). Note,
however, that the two brightest RGB stars are located
right on top of the M13 ridgeline. To select all likely
members of Pisces II, we draw a wide mask shown in the
right panel of Fig. 2; we also select the BHB candidate
stars with a color-magnitude box shown in the middle left
panel. Using these selection cuts we can now measure the
structural parameters of Pisces II and its luminosity. The
density contours of the RGB and MSTO stars are shown
in the left panel of Fig. 3. To measure the satellite’s half-
light radius, ellipticity and position angle, we follow the
procedure outlined in Martin et al. (2008). From the lo-
cations of candidate MSTO and RGB stars we measure
a half-light radius of 1.′1 (or ∼ 60 pc at a distance of ∼
180 kpc) with noticeable ellipticity. The results of this
maximum likelihood fit are reported in Table 1.
To estimate the total luminosity of Pisces II, we i) in-
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Fig. 7.— The color–magnitude diagram from Figure 2, showing only member stars of Seg 3. The black point indicates the color and

magnitude of the binary star found with repeat velocity measurements (see Section 2.2). Average photometric uncertainties are plotted

on the left in each panel. The solid, black curve represents our fiducial isochrone from Figure 2. In the left panel, dotted curves show the

isochrones for a stellar population which are older by ±1 Gyr. In the right panel, dotted curves show the isochrones for a stellar population

with [Fe/H] values which differ by ±0.3 dex. Within the photometric uncertainties, the members of Seg 3 are consistent with a spread in

age ([Fe/H]) less than 1 Gyr (0.3 dex).

Fig. 8.— The size and luminosity of Milky Way halo objects (> 15 kpc), presented as the effective radius and absolute V–band magnitude,

respectively. At fixed luminosity, objects with significant dark matter (ultra–faint and dwarf spheroidal galaxies) are larger in size by up

to an order of magnitude. Moreover, faint (MV < −4) star clusters show effective radii < 10 pc in size.

dispersion of 1.2± 2.6 km s−1. The distribution of these
velocities are consistent with being drawn from a Gaus-
sian distribution, suggesting that Seg 3 is bound within
3r1/2.
Although its not possible to draw a robust conclu-

sion about the extended stellar distribution of this ex-
tremely low luminosity system, if we consider Seg 3 mem-
bers across all radii, then we find tentative evidence for

mass loss in Seg 3. The fact that 1/3 of our candidate
member stars lie outside of three half-light radii hints
that there may be an excess of Seg 3 member stars at
large distances, as expected if it is currently undergoing
stellar mass-loss. We attempted to quantify this excess
(or lack thereof) by correcting the surface density profile
of spectroscopic members for target efficiency and com-
paring with expectations from a pure Plummer model.

Belokurov et al. 2010

Fadely et al. 2011
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Fig. 2.— The KPNO view of Pisces II (upper row) and Segue 3 (lower row). The panels are the same as in Figure 1, with the inner
radius increased to 2′. The KPNO saturation limit is fainter than that of SDSS at r ∼ 18, but it reaches ∼ 2 magnitudes deeper. The
CMD of Pisces II shows the most obvious improvement. In the KPNO data, strong RGB and clear BHB and blue straggler populations
can now be seen. The dotted box in the middle left is used to pick out the likely BHB members. The dotted lines in the right panel outline
the regions used to select the satellite members.
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Fig. 3.— Density contours (black) of candidate member stars
selected from the KPNO data centered on each satellite. Left:
Pisces II is mapped out with RGB stars. Right: Segue 3 is mapped
out with MS stars. Contour levels are 3, 5, 8, 10, 15 σ (also 20
and 30 σ for Segue 3) above the background. Red ellipses show
Plummer isodensity contours corresponding to one and two half-
radii. Blue dots mark the locations of the BHB candidate stars.

Pisces II – The KPNO photometry reaches at least
2 magnitudes fainter than the SDSS and plays a cru-
cial role in the identification and analysis of Pisces II,
as can be seen from Fig. 2. The stellar over-density is
enhanced, with a significance of ∼ 8. The CMD is now
quite unambiguous, with both RGB and BHB clearly
visible together with a pile-up of stars around the main
sequence turn-off (MSTO). The very tight BHB can now
be used to estimate the distance modulus of the system
(m−M)0 = 21.3. Both CMD and the Hess difference
panels of Fig. 2 show over-plotted the ridge-lines of the
globular clusters M92 and M13 from Clem (2005). The
RGB stars in Pisces II seem to be described equally well
by both and, hence, are likely to possess metallicity in
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Fig. 4.— Color images covering 4′ × 4′ region centered on Segue
3 made with SDSS (left) and KPNO (right) data. SDSS image is
made with g, r and i band frames. KPNO image is made with g
and r band frames.

the range of −2.3 <[Fe/H]< −1.55 (Harris 1996). Note,
however, that the two brightest RGB stars are located
right on top of the M13 ridgeline. To select all likely
members of Pisces II, we draw a wide mask shown in the
right panel of Fig. 2; we also select the BHB candidate
stars with a color-magnitude box shown in the middle left
panel. Using these selection cuts we can now measure the
structural parameters of Pisces II and its luminosity. The
density contours of the RGB and MSTO stars are shown
in the left panel of Fig. 3. To measure the satellite’s half-
light radius, ellipticity and position angle, we follow the
procedure outlined in Martin et al. (2008). From the lo-
cations of candidate MSTO and RGB stars we measure
a half-light radius of 1.′1 (or ∼ 60 pc at a distance of ∼
180 kpc) with noticeable ellipticity. The results of this
maximum likelihood fit are reported in Table 1.
To estimate the total luminosity of Pisces II, we i) in-
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Fig. 7.— The color–magnitude diagram from Figure 2, showing only member stars of Seg 3. The black point indicates the color and

magnitude of the binary star found with repeat velocity measurements (see Section 2.2). Average photometric uncertainties are plotted

on the left in each panel. The solid, black curve represents our fiducial isochrone from Figure 2. In the left panel, dotted curves show the

isochrones for a stellar population which are older by ±1 Gyr. In the right panel, dotted curves show the isochrones for a stellar population

with [Fe/H] values which differ by ±0.3 dex. Within the photometric uncertainties, the members of Seg 3 are consistent with a spread in

age ([Fe/H]) less than 1 Gyr (0.3 dex).

Fig. 8.— The size and luminosity of Milky Way halo objects (> 15 kpc), presented as the effective radius and absolute V–band magnitude,

respectively. At fixed luminosity, objects with significant dark matter (ultra–faint and dwarf spheroidal galaxies) are larger in size by up

to an order of magnitude. Moreover, faint (MV < −4) star clusters show effective radii < 10 pc in size.

dispersion of 1.2± 2.6 km s−1. The distribution of these
velocities are consistent with being drawn from a Gaus-
sian distribution, suggesting that Seg 3 is bound within
3r1/2.
Although its not possible to draw a robust conclu-

sion about the extended stellar distribution of this ex-
tremely low luminosity system, if we consider Seg 3 mem-
bers across all radii, then we find tentative evidence for

mass loss in Seg 3. The fact that 1/3 of our candidate
member stars lie outside of three half-light radii hints
that there may be an excess of Seg 3 member stars at
large distances, as expected if it is currently undergoing
stellar mass-loss. We attempted to quantify this excess
(or lack thereof) by correcting the surface density profile
of spectroscopic members for target efficiency and com-
paring with expectations from a pure Plummer model.

Belokurov et al. 2010

Fadely et al. 2011
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Fig. 6.— Line–of–sight velocities of members versus distance from the center of Seg 3. Plotted in black is the combined velocity for the
binary star found in our repeat measurements (described in Section 2.2). The dashed line indicates the systemic velocity at −167 km s−1,
while the dotted lines indicate increasing steps in r1/2 from the center.

In Figure 7, we present the effect of varying the age
and metallicity of isochrones from our fiducial values of
12 Gyr and [Fe/H] = −1.7. In the right panel, we see
that the members of Seg 3 are consistent with a spread
in [Fe/H] < 0.3 dex, within the photometric errors. Such
dispersions in [Fe/H] are smaller than values typically
found in ultra–faint systems (Frebel et al. 2010; Kirby
et al. 2011), indicating the stellar population of Seg 3 may
be quite different from dark matter dominated satellites.
In addition to internal spreads in metallicity, the av-

erage value of [Fe/H] in stars can also be used to
test whether Seg 3 may contain significant dark matter.
Kirby et al. (2011) show a strong correlation between
the total luminosity and [Fe/H] for Milky Way dwarf
galaxies, such that the faintest satellites are the most
metal poor. Extrapolating the relation from Kirby et al.,
we find Seg 3, with a absolute magnitude of MV ∼ 0.0,
should exhibit a mean [Fe/H] < −3.0, far lower than
the −1.7+0.07

−0.27 dex we observe. For comparison, Segue
1 (MV ∼ −1.5) has a value of [Fe/H] ∼ −2.5 (Simon
et al. 2011). For this to be a meaningful comparison,
we assume that Seg 3 would not have undergone massive
stellar loss if it contains significant dark matter.
The low spread and (relatively) high mean of [Fe/H]

values inferred from isochrone comparisons indicates that
the metallicity characteristics of Seg 3 are distinct from
that of dark matter dominated ultra–faint satellites.
While enticing, several caveats exist. First, our sample of
Seg 3 members is small, totaling 32 stars. More extensive
samples might show larger scatter than seen here. In ad-
dition, significant uncertainties exist in the values of the-
oretical isochrones, especially under the correlated effects
of varying age and [Fe/H] values. We have only explored
one such set of isochrones here (Dotter et al. 2008). To
avoid such uncertainties, a definitive measurement of the
metallicity would require spectroscopic measurements of

[Fe/H] values. For our current data, this would require a
calibration of the relationship between [Fe/H] and the Ca
II triplet for main sequence stars. Since no such relation
exists, we do not attempt to relate the values of the Ca
II triplet in our spectra to [Fe/H]. Nevertheless, we note
that the scatter in Ca II equivalent width is consistent
with no abundance spread.

5.3. Size and Luminosity

A final diagnostic tool for discriminating star clusters
from satellites with dark matter halos is the relation-
ship between size and luminosity of Milky Way objects.
In Figure 8, we show the sizes and luminosities of Milky
Way halo objects (distances > 15 kpc). Of these systems
we consider two classes, stellar systems with dark matter
(dwarf spheriodal, ultra–faint dwarf galaxies) and those
without dark matter (e.g., globular clusters). A clear
trend is present between the two: at fixed luminosity,
objects with dark matter are consistently larger in size,
often by up to an order of magnitude, than objects clas-
sified as star clusters. Segue 3’s size and luminosity are
far smaller than those of objects known to be dominated
by dark matter. This difference provides additional cir-
cumstantial evidence that Seg 3 is a star cluster. Such a
conclusion is further supported by theoretical arguments,
which expect low mass dwarf galaxies to be significantly
larger in size (e.g., Bullock et al. 2010) than Seg 3.
Under the three lines of evidence presented in this sec-

tion, we conclude that Segue 3 is likely a star cluster
with little to no dark matter content. This hypothesis is
further supported by tentative signs for stellar mass loss
(see below), which has also been seen in the majority of
small and faint stellar clusters.

6. THE DYNAMICAL STATE OF SEGUE 3

Discussed in Section 5.1, the distribution of velocities
within 3r1/2 of the center of Segue 3 imply a velocity

Fadely et al. 2011
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Fig. 5.— Left: 1D surface density profile of Seg 3 for a Plummer and exponential profile, both of which provide acceptable fits to the data.
The dot-dashed line represents the surface density of background stars inferred by our analysis. Right: 2D surface brightness contours for
Seg 3. Contour levels are for {3, 5, 8, 12, 18, 26, 36, 44}σ fainter than the peak surface brightness, where 5σ is 2.35 mag arcmin−1 fainter than
the peak value of µ0,V = 24.1 mag arcmin−1 (assuming a Plummer profile). We find the stellar distribution is approximately circularly
symmetric until it falls to levels comparable the background.

outlying stars stars, as well as other lines of evidence,
as possible signs of stellar mass loss in Seg 3 (discussed
below in Section 6).
To obtain a reasonable estimate of the velocity disper-

sion (and hence dynamical mass) of Seg 3, we choose to
focus on the velocity measurements within 3r1/2 only,
and exclude the binary star identified by repeat veloc-
ity measurements (ID 9, Table 2). This choice excludes
distant candidate member stars potentially unbound to
Seg 3, and reduces the amount of foreground contami-
nation, since foreground stars are more likely at larger
radii. In estimating the velocity dispersion, we use the
maximum likelihood technique described by Walker et al.
(2006).
If we naively include all 20 stars within 3r1/2, we infer a

velocity dispersion of 5.3±1.3 km s−1 for Seg 3. However,
this relatively large dispersion is primarily driven by the
presence of a single outlying star (ID 20, Table 2), with a
measured velocity of −182± 3 km s−1, ∼ 5σ away from
the systemic velocity of Seg 3. Omitting this star, our
estimate of the velocity dispersion plummets to 1.2± 2.6
km s−1, a value consistent with zero.
Inclusion of the outlying star has a profound conse-

quence on the nature of Seg 3. If included, we must
necessarily infer the presence of significant amounts of
dark matter in Seg 3, since the velocity dispersion would
imply a mass–to–light ratio of 645+1286

−442 within r1/2.
6 If

omitted, the velocity distribution allows very small val-
ues of the dispersion, giving dynamical masses consistent
with stellar material alone. We must, therefore, carefully
consider whether to omit the outlying star.
We use Monte Carlo simulations to test the hypoth-

esis that the outlying star is revealing the true velocity
dispersion, rather than being a genuine outlier from the

6 Using the mass estimator of Wolf et al. (2010), assuming a
constant velocity dispersion within 3r1/2.

velocity distribution. First, we assume a value for the
true, intrinsic velocity dispersion of Seg 3 ranging from
0 to 10 km s−1. We then repeatedly generate a sample
of 20 stars with velocities drawn randomly from a Gaus-
sian corresponding to the intrinsic dispersion, convolved
with our DEIMOS measurement uncertainties. Of these
samples, we take those which have a dispersion between
5.3± 1.3 km s−1 and ask how frequently the dispersion
is reduced to below 3.8 km s−1, once we omit the largest
outlier. Our simulations indicate the highest frequency
occurs at an intrinsic dispersion of 5.8 km s−1, at a rate
of 3.8%. Therefore, at > 95% confidence, our simula-
tions indicate the outlying star within 3r1/2 is not due
to low–number statistics, but is instead a genuine outlier
from the distribution. With this conclusion, we assume
it is reasonable to omit the outlying star, and infer a ve-
locity dispersion of 1.2 ± 2.6 km s−1 within 3r1/2. By
adopting such a velocity dispersion, we can infer a mass–
to–light ratio of 33+156

−144 within r1/2
6. While inconclusive,

from this mass–to–light ratio alone there is no compelling
evidence for significant dark matter content in Segue 3.

5.2. Age and Metallicity

Properties of the stellar populations of Milky Way
satellites have proven to be a useful indicator for the
presence of an underlying dark matter halo. In short,
the deeper potential well provided by non-baryonic ma-
terial enables star formation processes to withstand feed-
back effects from (e.g.,) supernovae, facilitating more ex-
tended episodes of star formation. This effect manifests
itself in the presence of a range of metallicities amongst
stars, since metals from earlier generations of stars may
be incorporated into subsequent ones. Ultra–faint satel-
lites have demonstrated this phenomenon, showing inter-
nal [Fe/H] spreads up to 0.5 dex or more (Simon & Geha
2007; Kirby et al. 2008, 2011; Simon et al. 2011; Willman
et al. 2011).

Fadely et al. 2011

Thursday, September 1, 2011



CIERA FrontiersRyan O’Leary

•Easy to find the dynamical center of cluster

•Only a few stars have anomalous velocity

•BHs protect clusters from further disruption

      Increases chances smallest clusters have BHs

•Can take individual spectra of the most central 

stars

Part II: BHs in Tidally Disrupted Clusters

� 10 km s−1

→

Thursday, September 1, 2011



CIERA FrontiersRyan O’Leary
Thursday, September 1, 2011



CIERA FrontiersRyan O’Leary

Zwicky’s Catalog

“to the High Priests of American 
Astronomy and to their 

Sycophants”

“high pope of American 
Astronomy, one Henry Norris 

Russell”

“Hubble, Bade,  and the sycophants 
among their assistants...”

“in 1964, A. Sandage ... attempted 
one of the most astounding feats 

of plagiarism”

Thursday, September 1, 2011



combine the AO observations with the new database of stel-
lar proper motions and radial velocities, for a new analysis
of the properties of the nuclear star cluster.

2. OBSERVATIONS AND DATA REDUCTION

The observations presented in this paper were carried out
during science verification with the NAOS/CONICA AO
system/near-infrared camera at the unit telescope 4 (Yepun)
of the ESO VLT in Paranal, Chile. H-band (1.65 lm), Ks-
band (2.16 lm), and L0-band (3.76 lm) imaging data were
taken on 2002 August 29. Seeing was between 0>5 and 0>6.
For H and Ks the infrared wave front sensor of NAOS was
used to close the feedback loop on the bright supergiant IRS
7!5>5 north of Sgr A*. The detector pixel scale was 0>0132
pixel"1 for H and Ks and 0>027 pixel"1 for L0. The diffrac-
tion-limited resolution was 40, 55, and 95 mas in the H, Ks,
and L0 bands (FWHM). The oversampling helped to reduce
the saturation of the numerous bright sources in the nuclear
cluster. The detector integration time was 15 s. Four indi-
vidual exposures were combined by a pipeline into one
image of 60 s integration time. Twenty-five such images
were taken in theH band and 20 in theKs band. The individ-
ual images were flat-fielded, sky-subtracted, and corrected
for dead/bad pixels. The final frames were co-added with a
simple shift-and-add (SSA) algorithm to final images of
1200 s (Ks band; Fig. 1) and 1500 s (H band; Fig. 2) total
integration time. The Strehl ratio measured on individual
sources near the guiding star is !50% in the Ks band and
!33% in the H band. Dithering between the exposures
resulted in a field of view (FOV) larger than the 1400 # 1400

provided by CONICA with the finest pixel scale. From the

final mosaic we selected a !900 # 900 region with the highest
signal-to-noise ratio, approximately centered on Sgr A*.
There are numerous (!40–50) bright (Ks < 12) stars in the
FOV, which are strongly saturated in the Ks-band image.
Saturation is less severe in the H-band image. For L0, the
AO loop was closed with the visible light wave front sensor
on a V ! 14 star !2000 to the northeast of Sgr A* (at the
time of the observations the dichroic allowing the simul-
taneous use of the infrared wave front sensor and the L=M
bands was not available). A single imaging frame consists of
150 exposures of 0.2 s, co-added by a pipeline into a single
frame with 30 s integration time. Seventy-six such images
were taken. After flat-fielding, sky-subtraction, and dead/
bad pixel correction, the individual frames were combined
into a final SSA image of 2280 s integration time, with a
Strehl ratio of !50% (see also Clénet et al. 2003). The right
panel of Figure 1 shows a color composite of all three
images.

In the following subsections we discuss in detail
the analysis and methods we have developed and applied
to carry out source counts, photometry, and astrometry
in our crowded, high dynamic range AO images. Readers
who wish to skip these technical details should continue
with x 3.

2.1. Source Identification and Photometry

In order to facilitate the identification of sources in the
extremely dense nuclear stellar cluster and to reduce the
influence of the seeing halos of the numerous bright stars,
we deconvolved the images prior to number counts and
photometric analysis. A point-spread function (PSF) was

Fig. 1.—Left:Ks-bandNAOS/CONICA SSA image of the central!2000, taken in 2002 August (55 mas FWHM resolution; Strehl ratio! 50%). A logarith-
mic color scale is used. East is to the left, and north is up. The brightest star, IRS 7 (6.7 mag), was used for infrared wave front sensing. The faintest stars visible
on the image areKs ! 19. The five encircled stars (of seven in the central 3000) are also radio SiOmasers and were used for establishing the selected orientations
of the infrared camera and to put the infrared data in the radio astrometric reference frame (rms ! $10 mas; Reid et al. 2003b). In addition, the IRS 16 and
IRS 13 complexes of emission-line stars are marked. The two arrows denote the position of Sgr A*.Right:H=Ks=L0 three-color composite of the central!2000.
East is to the left, and north is up. Several bright, dusty,L-band excess stars are marked, and the two arrows denote the position of Sgr A*.
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Table 1. Details of the ISAAC/VLT observations used for this work.
DIT is the detector integration time. NDIT is the number of integrations
that were averaged online by the read-out electronics. N is the num-
ber of exposures that were taken. The total integration time amounts to
N×NDIT×DIT. FWHM is the approximate full width at half maximum
of the PSF due to seeing. The pixel scale was 0.147′′ per pixel.

Date λcentral [µm] ∆λ [µm] N NDIT DIT [s] FWHM
02 July 1999 1.25 0.29 6 12 24.0 0.4′′
02 July 1999 2.09 0.02 6 12 24.0 0.4′′
27 July 2005 1.65 0.30 8 5 1.8 0.9′′

Table 2. Details of the NACO/VLT observations used for this work.
DIT is the detector integration time. NDIT is the number of inte-
grations that were averaged online by the read-out electronics. N is
the number of exposures that were taken. The total integration time
amounts to N×NDIT×DIT. The pixel scale of all observations was
0.027′′ per pixel.

Date λcentral [µm] ∆λ [µm] N NDIT DIT [s]
12 June 2004 2.06 0.06 96 1 30
12 June 2004 2.24 0.06 99 1 30
9 July 2004 2.00 0.06 8 4 36
9 July 2004 2.24 0.06 8 4 36
9 July 2004 2.27 0.06 8 4 36
9 July 2004 2.30 0.06 8 4 36

mass segregation and to probe the old, most probably dynami-
cally relaxed stellar population that is represented by horizontal
branch/red clump stars.

Throughout the paper we will adopt a GC distance of 7.6 kpc
(Eisenhauer et al. 2005). At this distance, one arc second corre-
sponds to 0.037 pc.

2. Observations and data reduction

2.1. ISAAC imaging

The GC was observed with the NIR camera and spectrometer
ISAAC at the ESO VLT unit telescope 4 on Paranal on 2 July
1999 and on 27 July 2005. Filters used were a narrow band fil-
ter of 0.02 µm width centred at 2.09µm and the J-band filter in
1999, the H-band filter in 2005. Details of the observations are
given in Table 1.

The data were sky subtracted and corrected for bad pixels.
Figure 1 shows a colour image composed of the ISAAC J and
K observations (which have both a similar PSF FWHM, while
the FWHM due to seeing in the H-band observations was about
twice as large). The colour image illustrates the strong, patchy
and highly variable extinction in the GC. It shows also that there
is a general minimum of the extinction on the central cluster and
in a band running north-east to south-west across it, as described
by Scoville et al. (2003).

2.2. AO imaging data

The field-of-view (FOV) of the AO observations is marked with
a white square in Fig. 1.

Various sets of data were chosen for the analysis of the stellar
number density and the interstellar extinction in the central par-
sec. The data were selected according to criteria such as seeing,
size of the isoplanatic angle, quality of AO correction, coverage
of a large FOV, and the central filter wavelength. A summary of
all data can be found in Table 2.

E

N

Fig. 1. Colour image composed of ISAAC imaging observations at
2.09 µm and in the J-band. The field-of-view is 150′′ × 150′′ . The field
of about 40′′ × 40′′ that was observed with AO observations is marked
by a square. The galactic plane runs approximately southwest-northeast
across the image. Blue sources are foreground stars. The patchy and
highly variable extinction is evident, as well as the minimum of the
extinction on the central cluster.

When imaging the field centred on Sgr A*, the NIR wave-
front sensor of NAOS was locked on the bright supergiant IRS 7,
located about 6′′ north of Sgr A*. Mosaic imaging was applied
by using a rectangular dither pattern in order to enlarge the FOV.
Several dithered exposures of a dark cloud near the GC (713′′
west, 400′′ north of Sgr A*), a region largely devoid of stars,
were interspersed with all observations in order to sample the
sky background.

In all cases, the images were sky subtracted, flat-fielded, and
corrected for dead/bad pixels during data reduction. After shift-
ing the dithered images to a common position, they were median
combined to obtain a final mosaic. In Fig. 2 we show the sum im-
age of the 2.27µm and 2.30µm intermediate band (IB) filter data
of the central field.

3. Structure of the cluster

3.1. Seeing limited observations

The IDL program package StarFinder (Diolaiti et al. 2000)
was used for source detection, photometry, and background es-
timation. Photometric calibration was based on stellar magni-
tudes given by Ott et al. (1999, K-band: IRS 16NE, IRS 33N,
IRS 33SW, ID 62, ID 96) and Blum et al. (1996, H-band:
IRS 16NE, IRS 33N, IRS 33SW). Selection criteria for these
stars were that the calibration stars should be isolated and bright,
but not variable.

3.1.1. Extinction

When examining the structure of the central stellar cluster,
it is desirable to take interstellar extinction into account. For
the ISAAC images, a simple approach was taken by assuming
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Cluster Expansion
4 O’Leary & Loeb

Figure 2. The total number of projected stars interior to r,
Np(< r), for M• = 105M! and α = 1.75. The solid line cor-
responds to the cluster immediately after being ejected from its
parent galaxy with vk = 5.8σ∗. The alternating dashed and dot-
ted lines correspond to the projected number of stars after every
10tr ≈ 650Myr. Immediately after ejection, the cluster rapidly
expands until its relaxation time becomes comparable to the age
of the Universe, with very little mass loss. In the case of α = 1,
the cluster evolves similarly, but only with ∼ 100 stars in the
cluster. For a 105 M! BH, the circular velocity of the stars is
≈ 66 km s−1(r/0.1 pc)−1/2.

(Komossa & Merritt 2008). To examine the evolution of the
star system if the BHs coalesce through a gas rich merger
(Callegari et al. 2008). we adopt g(x) ∝ x−1/2z3/(1 + z3),
normalized by the same number density and relaxation
timescale used in Eq. (2), yielding α ∼ 1. This run results
in ∼ 10% the number of bound stars as with α = 1.75. Its
importance, however, is uncertain given the short relaxation
timescales for these systems.

Shortly after the GW recoil kicks the BH, the star clus-
ter expands as a result of two-body relaxation and evolves
until the relaxation timescale of the cluster becomes compa-
rable to the age of the system. Figure 2 shows the evolution
of the projected number of stars interior to a radius r for a
BH with mass 105 M!. Since our simulations indicate little
mass loss, the condition that the relaxation timescale of the
system (Eq. 2) be comparable to the age of the Universe
implies that the cluster should expand by a factor of order
(th/tr)

1/3 ∼ 10. Even then, the present day cluster size is
less than the initial radius of influence of the BH, ri ! 1 pc,
and much smaller than the tidal radius of globular clusters
with a similar stellar mass (owing to the gravitational bind-
ing provided by the central BH).

In our simulations there is very little mass loss due to
the tidal disruption of stars or the ejection of stars from the
system. Since the cluster expands so rapidly, the rate of tidal
disruption of stars rapidly decreases, and is much lower than

the rate associated with a comparable BH in the nucleus of
a galaxy.

Our simulations only treat the evolution of the cluster
due to many small-angle scatterings (two-body relaxation),
and does not include the strong scattering that might oc-
cur in a dense stellar environment. Such scatterings would
launch stars on eccentric orbits that take them outside of the
cluster to about the tidal radius, thus enhancing the mass
loss from the system. The existence of a halo of such stars
provides an additional signature unique to the compact star
clusters associated with recoiled BHs.

4 OBSERVING EJECTED SYSTEMS

Size and Structure: Based on the results in § 2, we esti-
mate that there should be ∼ 300 recoiled BHs in the MW
halo. Equation (5) implies that these BHs are surrounded
by ∼ 4 × 103(M•/105m∗) stars with a half mass radius,
rh ! 1 pc. At the typical distance to the most massive re-
coiled BH, ∼ 100 kpc, the cluster will have a typical angular
size ! 1 arcsec, below the resolution limit of most existing
sky surveys. Thus, the cluster will appear as a point source
and might be confused as a single foreground star with un-
usual colors. The closest clusters are ∼ 1 kpc away and may
be a few arcmin in size. However, these clusters surround the
smallest BHs (∼ 103 M!) with the fewest number of stars,
and their present day distribution is uncertain due to strong
encounters between the stars in the cluster as well as stars in
the disk. To date, no star cluster has been identified in the
MW with such a small size; the smallest star cluster discov-
ered has a size of ∼ 3 pc (Koposov et al. 2007). Clusters at
distances of tens of kpc could in principle be distinguished
from point sources by comparing their extended image to
the point-spread-function of the telescope.
Color: A recoiled star cluster can be distinguished from sin-
gle foreground stars by its anomalous color. The cluster is
likely old, ∼ 1−10 Gyr, and to first order should have colors
similar to globular clusters of a similar age and metallicity.
Spectra: The velocity dispersion profile of the ejected star
clusters should be Keplerian. The unusually large width of
their spectral lines (greather than one hundred km s−1) can
be used to distinguish these clusters from foreground stars,
which possess much lower rotational velocities.

The compact star clusters around ejected BHs are dis-
tinguishable from cores of globular clusters by their internal
(Keplerian) velocity dispersion of order one hundred km s−1

and their high mass-to-light ratio owing to the central BH.
Proper Motion: The most massive systems that reside near
the virial radius of the galaxy and have a relatively small
proper motion. Nevertheless, future surveys like GAIA3,
Pan-STARRS4, and LSST5, could aim to measure the
proper motion of such clusters, and be used in conjunction
with expected cluster colors to distinguish the clusters from
foreground stars. The expected proper motion of these clus-
ters is ∼ 10−3 arcsec yr−1.
The local group: Given the constrained distances to M31 and
M33, color-magnitude diagrams could be used to identify

3 http://www.esa.int/esaSC/
4 http://pan-starrs.ifa.hawaii.edu/
5 http://www.lsst.org/
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